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ABSTRACT
The Earth is known to be depleted in volatile lithophile elements in a fashion that defies easy
explanation. We resolve this anomaly with a model that combines the porosity of collisionally grown
dust grains in protoplanetary disks with heating from FU Orionis events that dramatically raise
protoplanetary disk temperatures. The heating from an FU Orionis event alters the aerodynamical
properties of the dust while evaporating the volatiles. This causes the dust to settle, abandoning those
volatiles. The success of this model in explaining the elemental composition of the Earth is a strong
argument in favor of highly porous collisionally grown dust grains in protoplanetary disks outside
our Solar System. Further, it demonstrates how thermal (or condensation based) alterations of dust
porosity, and hence aerodynamics, can be a strong factor in planet formation, leading to the onset of
rapid gravitational instabilities in the dust disk and the subsequent collapse that forms planetesimals.
Subject headings: Cosmochemistry – Planetary formation – Planetesimals – Terrestrial planets
1. INTRODUCTION
Of all meteorite classes, the elemental abundances of
CI chondrites most closely match the Solar photosphere,
and those meteorites are believed to comprise the most
primitive solid material found in our Solar System (Lod-
ders 2003). For that reason, these meteorites are held
as the standard for the elemental and chemical composi-
tion of solids that condensed out of the Solar nebula, be-
fore thermal, chemical, or physical processing took their
toll. However, the bulk silicate Earth has a significantly
smaller mass-fraction of volatile lithophile elements (low
condensation temperature and trapped in the mantle,
hence measurable) than do CI chondrites: the relative
abundance of lithophile elements with condensation tem-
peratures below 1400K decreases with decreasing con-
densation temperature (Palme 2000; McDonough 2003).
That abundance trend is inverted in Solar abundances
which show enhancement in those same volatiles relative
to solar twins (Mele´ndez et al. 2009).
Assuming that the Earth formed out of solids which at
first had Solar composition, this depletion of the volatile
elements has been a long outstanding problem in the for-
mation of the Earth, especially since Humayun & Clay-
ton (1995) showed that this decrease in volatiles does not
come with an isotopic signature in potassium. Existing
theories for this volatile depletion are unsatisfactory, and
explaining it is the goal of this paper.
Our model combines many disparate aspects of astro-
physics and planetary sciences, from FU Orionis style
outbursts and dust dynamics, to isotope ratios and the
Goldschmidt classification. In light of the breadth of
reader backgrounds, we have attempted to provide ad-
equate introductions to the different moving parts be-
fore using them in detail. Accordingly, we include an
extended introduction to the problem in Section 2, de-
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tailing the constraints that any theory for the Earth’s
volatile depletion must match. We provide a narrative
description of our model in Section 3 to provide context
for the introduction to the various sub-processes found
in Section 4. Section 5 finally combines the individual
pieces into a coherent whole, and Section 6 extends the
model to other bodies in the Solar System. We conclude
in Section 7.
2. OVERVIEW OF EARTH’S VOLATILE DEPLETION
2.1. Laboratory constraints
The lack of an isotopic signature in the depleted potas-
sium implies that the depletion of the volatiles cannot
have been trivially generated through partial evapora-
tion, because that preferentially evaporates the lighter
isotopes. A brief heating episode could result in com-
pletely depleted surface layers surrounding untouched
cores if the diffusion timescale is much longer than the
heating episode, which would avoid an isotopic signature.
However, the depletion of Earth’s potassium is of the or-
der of 80%, so the fully depleted surface layer would need
to have a thickness of 40% of the grain’s radius. Clearly,
the potassium must have diffused significantly through
the solid grains. This means that the depletion of potas-
sium cannot be explained through models invoking par-
tial evaporation, or full evaporation followed by partial
condensation, which instead result in an enrichment in
the lighter isotopes (Richter 2004).
This depletion also cannot be explained by planet for-
mation at a single temperature, as that would instead
result in abundances which are undepleted for elements
with condensation temperatures above that formation
temperature, and nearly uniformly depleted for elements
with condensation temperatures below that formation
temperature. If planets fed from planetesimals that
formed in regions of different temperature (and therefore
had different depletion patterns), then the planets’ final
depletion pattern could be a smooth function of tem-
perature. However, the Earth’s volatile depletion has
not been successfully reproduced by recent attempts to
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2combine models of protoplanetary disk chemistry with
models of planet formation (Bond et al. 2010; Elser et
al. 2012). This is not surprising because the condensa-
tion temperature range for which the depletion is noted
is about 650K to 1350K. Theoretical models for disks
predict temperature distributions close to T ∝ R−1/2, so
the needed temperature range would require the proto-
Earth to have fed from an annulus whose outer edge was
about four times farther out than its inner edge, double
the ratio of Mars’ orbit to Venus’.
A further possible cause for the Earth’s volatile abun-
dances is a late veneer provided by bombardment, oc-
curring after mantle/core differentiation, which could
strongly alter mantle volatile abundances. However, a
late veneer would supply lithophile and siderophile ele-
ments alike, so the temperature dependence of the abun-
dances of volatile siderophile elements would match that
of the volatile lithophiles. Instead, the abundances of
volatile highly siderophile elements in the Earth’s man-
tle, normalized to Mg in CI chondrites, are low and
temperature-independent, appropriate for them having
been largely trapped in the iron core during differen-
tiation. This rules out a late veneer as a solution to
the volatile abundance problem (Wood et al. 2010; Mor-
bidelli et al. 2012).
2.2. Implications for Earth’s formation
The only way then to deplete the pre-Earth solids
of a given volatile element is to partially separate the
pre-Earth dust and the complementary gas at temper-
atures above that volatile’s condensation temperature,
when most of that volatile’s mass is in the gas phase.
Without the separation, the gas and dust combine to
match Solar composition and, after cooling, the volatiles
will recondense without any depletion having occurred.
This partial segregation must occur after isotopic equi-
libration between gas and dust. The heating and segre-
gation are then followed by cooling the dust in its new,
volatile depleted environment, allowing recondensation
of the residual gas while leaving the dust still partially
depleted.
As long as the recondensation occurs rapidly compared
with the cooling time of the gas, the different isotopes
will fully recondense before a significant change in the
segregation occurs, and no isotopic signature will be left.
This is important because the degree of depletion found
depends on the condensation temperature, so the level
of segregation itself must be temperature dependent: dif-
ferent elements with different condensation temperatures
must condense after different degrees of segregation.
2.3. Existing models
Albare`de (2009) tried to explain the Earth’s volatile
abundances by adapting the model of Cassen (1996,
2001), originally intended to explain the volatile deple-
tion of carbonaceous chondrites. In this model, the
proto-Solar nebula dispersed while the disk midplane
was still hot (∼ 1000K), leaving the solid material be-
hind. The midplane temperature was sustained through
the energy released by the accretion of the gas onto the
proto-Sun, so as the disk dispersed, the accretion flow
slowed and the disk cooled. The volatiles condensed in
turn from highest condensation temperature to the low-
est, while the disk gas to dust mass ratio dropped. In this
model, the dispersal of the gas disk provided the spatial
dust/gas segregation. The degree of volatile depletion
associated with the dust/gas segregation was explicitly
correlated with the fraction of gas remaining, which in
turn controlled the accretion flow onto the central star
and hence the gas temperature. Thus, volatile abun-
dances were correlated with their condensation tempera-
tures. Ciesla (2008) reviews this model, and finds that it
requires parameters that push the bounds of plausibility.
The temperature history needed for Albare`de’s model
requires that gas accreted onto the proto-Sun at rates
which do not fit well with more recent observational con-
straints (Hartmann & Kenyon 1996; Natta et al. 2006).
Those observations indicate relatively low accretion rates
during quiescent phases and extremely high accretion
rates when protostellar systems are in outbursts. Fur-
ther, the model requires that much of the dust not
move significantly radially. However, small rocks and
even boulders are somewhat tied to the accretion flow,
which must be significant to sustain the temperatures re-
quired, and experience headwind-induced inspiral (Wei-
denschilling 1977). That means, at a minimum, that
most of the dust must be locked up in very large boulders
by the time the temperature dips below 1000K. Boulders
large enough to resist headwind-induced infall are also in-
sensitive to turbulent stirring, and so have low velocity
dispersions.
Low velocity dispersions naturally lead to gravitational
instabilities in the dust disk which turn the boulders into
planetesimals. With most of the potentially solid mate-
rial in the form of large boulders or planetesimals tightly
settled to the midplane, volatiles in the gas phase will
tend to condense as very small dust grains which are
very well coupled to the gas. While boulders or plan-
etesimals are individually large, the total surface area of
large dust grains in this scenario is very low, and the
large grains are restricted to the midplane. This means
that they can only encounter a small fraction of the tiny
volatile-rich grains, and those tiny grains would instead
be entrained by the accretion flow onto the proto-Sun.
Thus, the volatile abundances would show a dramatic
drop for those volatiles that condensed after planetesi-
mals or boulders formed, which is not observed.
2.4. Rotating and speeding up the model
The model of Albare`de (2009) seems unlikely, in a
large part because segregating the gas and dust through
radial motions is slow: the velocities are low, and the
lengthscales large. Nonetheless, the segregation of dust
from gas is quite possible in a protoplanetary disk, even
though dust grains are expected to be well coupled to
the gas. The dust grains feel the same forces as the gas
with the crucial exception of the pressure forces. As a
result, the dust can drift relative to the gas both radi-
ally (because there is a radial gas pressure gradient) and
vertically (due to the vertical stratification of the gas).
Further options for moving the dust through the gas in-
clude interactions with the stellar radiation field, such
as radiation pressure or photophoresis (Krauss & Wurm
2005).
Radiative effects, however, can only process an opti-
cally thin dust layer, which is an inadequate mass reser-
voir to cause the large depletions observed in the bulk
dust population as represented by Earth. Radial seg-
3regation draws on the radial pressure gradients, which
are much weaker than the vertical pressure gradients al-
though this is the basis of the model of Wasson & Chou
(1974) as elaborated on by Cassen (1996). Any grains
large enough for radial segregation to be significant will
also be well settled vertically, and subject to at least one
of the streaming instability (Johansen et al. 2007), head-
wind induced inspiral, or direct gravitational instability.
Inspiralling grains, and their depletion, would have been
lost to the proto-Sun, while the streaming instability and
gravitational instability produce planetesimals too large
see significant subsequent compositional changes.
Vertical dust/gas separation is then the remaining can-
didate for spatial segregation. By invoking the much
stronger vertical pressure gradients and much smaller
vertical distances, rotating the problem bypasses many
of the problems faced by radial segregation.
3. OVERVIEW OF OUR MODEL
This paper describes a process for generating verti-
cal dust/gas segregation in a manner that is naturally
temperature dependent, over a temperature range appro-
priate for explaining the Earth’s volatile depletion while
simultaneously providing enough time for dust/gas iso-
topic equilibration. The temperature dependence of the
depletion implies that the temperature of the disk must
vary strongly (at least from the temperatures of 1350K
to 650K, as witnessed by the condensation temperatures)
on dust settling timescales. Those settling timescales are
themselves hard to shorten below a few tens of years, or
lengthen beyond a few hundred, so the model requires
temperature fluctuations in the disk that last many or-
bits, but are far, far shorter than the disk lifetime.
3.1. FU Orionis type outbursts
Perhaps surprisingly, temperature variations of that
magnitude and duration are not only possible but ex-
pected, and must be accounted for in models of the
formation of the Solar system: FU Orionis type events
(hereafter FUors) occur multiple times during protoplan-
etary disk lifetimes (Hartmann & Kenyon 1996; Dunham
et al. 2008; Evans et al. 2009). These events, which last
about a century, are caused by a large amount of disk
material being rapidly dumped onto the protostar which
leads to a dramatic, four to six magnitudes, rise in a
proto-stellar system’s luminosity. Dust grains of mm to
cm sizes settle vertically to the midplane on timescales
comparable to the cooling time of FUors, suggesting a
way to create temperature dependent spatial dust/gas
segregation.
However, while dust settling is fast, it must com-
pete with vertical turbulent stirring. Increasing the
vertical dust/gas segregation on short timescales there-
fore requires rapidly reducing the strength of the dust-
turbulence interactions. This implies a rapid decrease
in the dust drag coefficient caused by decreasing the
dust porosity: high porosity dust feels stronger drag and
is more strongly vertically mixed than equal mass low
porosity dust.
Our model assumes that an FUor event provides the
heating required to evaporate the volatiles from the dust.
For simplicity, we assume that the region of interest for
the pre-Earth solids (R = 1AU) is outside the FUor en-
gine, which means that we can neglect the strong local
accretion flow which powers the FUor and would entrain
solid material. This also means that irradiation from the
central engine will dominate the energy budget. This
fits with a disk whose MRI-dead zone extends inwards of
1AU during quiescent phases.
3.2. Model narrative
The picture we propose is this (sketched in Figure 1):
at Earth’s orbital position, R = 1AU, the accretion
flow through the protoplanetary disk is slow and the
background disk temperature is cold (the temperature
T ∼ 280K of a Minimum Mass Solar Nebula or MMSN,
Hayashi et al. 1985). In the disk, dust growth occurs col-
lisionally, resulting in high porosity, fluffy grains which
couple strongly to the turbulence and which are there-
fore well mixed vertically through the disk: the porosity
can be likened to a deployed parachute, with low den-
sity and lots of surface area. The porosity that naturally
results from collisional grain agglomeration has not yet
been firmly established, but very high porosities have
been predicted (Ormel et al. 2007; Dominik et al. 2007).
As dust grains grow, their relative (collisional) veloci-
ties are set by ever larger scale, faster turbulent motions.
Therefore, the dust collisional velocities increase as the
dust grains grow, until a limiting size is reached where
further collisions result in bouncing or fragmentation,
rather than sticking and growth (Zsom et al. 2010).
Eventually, an FUor event occurs with an extremely
fast accretion flow somewhere inside of R = 1AU, heat-
ing the disk and causing the temperature to spike to
about 1350K at R = 1AU, subsequently cooling over
a single-century scale time. The cooling rate and the
level of heating in the model are constrained by the ob-
served volatile abundances, but are appropriate for an
irradiated disk whose heating source brightened by six
magnitudes, reasonable for an FUor event (Hartmann &
Kenyon 1996).
This heating causes the high porosity, fluffy dust to
evaporate and recondense, melt, or sinter, contracting
into non-porous spheres with much lower drag coeffi-
cients: the parachutes are stowed. Poppe (2003) found
that at the temperature we expect at the Earth’s po-
sition, sub-micron SiO2 grains will very strongly sinter
within a year: necks between spherical grains will grow
beyond the initial grain size. While the first stages of
surface sintering do not shorten chains of stuck-together
grains, and hence do not lead to compaction, sintering
acts to reduce the total surface area; and so strong sin-
tering will eventually tighten the chains of stuck-together
grains and compactify the dust (Poppe 2003).
At the same time as it causes the grains to contract,
the heating also evaporates nearly all of the elements
more volatile than silicon, whose 50% condensation tem-
perature is ∼ 1300K (Lodders 2003). Because a large
fraction of the dust mass will evaporate and recondense
(Si and Mg, with a 50% condensation temperature of
1327K, together make up over 20% of the mass of CI
chondrites), nearly total densification is guaranteed even
without melting or complete sintering if grains are heated
above 1350K. In our model this occurs for grains at or
inwards of 1AU. Lesser degrees of densification are ex-
pected farther out from the proto-Sun, where the peak
FUor temperature is lower.
Estimates for the diffusion coefficients of elements
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Fig. 1.— Schematic of the model. Left panel: initial state, with fluffy, vertically mixed dust in equilibrium with low amounts of volatiles
in the gas. Middle panel: immediately after heating, the dust contracts, and the volatiles evaporate, entering the gas phase. Right panel:
after settling and cooling, only the low altitude volatiles recondense into the settled grains, leaving them depleted compared to their initial
state.
through the solid grains vary, but a range of 10−14
to 10−9cm2s−1 at the 50% condensation temperature
is reasonable (Freer 1981; LaTourrette & Wasserburg
1998). At the high end of those diffusion rates, the
cores of mm-sized non-porous grains can reach equilib-
rium with the gas phase over multi-year timescales. At
the low end, only micron-sized structures will experi-
ence significant diffusion, which poses little difficulty for
evaporation as long as the grains are fractal composites
made of micron-sized grains. Regardless, diffusion rates
scale rapidly with temperature, so in our model diffusion
only limits the evaporation of elements with condensa-
tion temperatures near the peak temperature: Mg and
Si.
The FUor then fades and the disk cools at the same
time as the now lower-porosity dust settles, leaving be-
hind volatiles in the upper regions of the disk, which
become dust-depleted. This means that when the tem-
perature drops low enough for a given volatile element to
recondense, the abundance of that volatile recondensed
on the dust grains is depleted by the amount left behind
at higher altitude. While the volatiles at high altitude
will eventually recondense as well, they will do so slowly,
creating only small dust grains because the bulk of the
potential solid material is trapped in the large, well set-
tled grains. These small, volatile rich grains, extremely
well coupled to the gas, remain trapped at high altitudes
for long periods and are eventually lost with the gas or
as a result of radiative processes such as photophoresis
once the gas density drops (Krauss & Wurm 2005).
The large dust grains will become subject to the
Streaming Instability (SI, Johansen et al. 2007) because
they both have a long stopping time (St ' 0.1) and, once
settled, will be in a region with a high dust-to-gas mass
ratio (at least 0.14, or 25×CI in the framework of Ebel &
Grossman 2000). The streaming instability, which oper-
ates on a timescale of tens of orbits, in turn further con-
centrates the dust grains, triggering gravitational insta-
bilities and fully locking in the volatile depletion through
the rapid creation of planetesimals. The planetesimals
are too big to meaningfully accrete the tiny residual re-
condensed volatile grains because the planetesimals have
a low total surface area, are highly settled and are large
enough that the gas flows around them, deflecting tiny
grains (Lambrechts & Johansen 2012). This final step is
vital. The gas must eventually cool, and radial motion
is relatively slow compared to vertical mixing. It fol-
lows that the recondensed volatiles will find a way back
into the volatile-depleted solids if no mechanism exists
to prevent them from doing so.
3.3. Extensions of our model
In addition to explaining the volatile abundances of
Earth, this mechanism also provides a route to early
planetesimals and rapid planet formation. The same
porosity reduction–settling–streaming instability mech-
anism also applies to ices at and beyond Saturn’s or-
bit, leading there not to volatile depletion, but only to
rapid planetesimal formation. Indeed, given the known
existence of heating events associated with episodic ac-
cretion, the sensitivity of dust porosity to its temper-
ature history is a hitherto unexplored powerful player
in planet formation as long as collisional agglomeration
leads to highly porous dust, as suggested by the deple-
tion of Earth’s volatiles: even in orbital locations (Mer-
cury, Jupiter) where the heating leads to the destruction
of most or all of the dust (silicate grains in the case of
Mercury, ice grains in the case of Jupiter), the subse-
quent recondensation will result in very different grain
geometries than the original process of agglomeration of
sub-micron interstellar grains. This can occur with any
adequate heating source, and chondrules in the meteorit-
ical record testify that chondrites for near regions of the
Solar Nebula that had excursions above 1600K which
5were not due to FUors.
4. MODEL PARTICULARS
In this section we lay out the particulars of our model.
In Section 4.1 we derive the vertical gas density profile.
In Section 4.2 we describe how the dust interacts dynam-
ically with the gas, and in Section 4.3 use that to derive
the dust steady-state vertical distribution. In Section 4.4
we describe the Streaming Instability, which can rapidly
turn strongly settled dust populations into planetesimals.
In Section 4.5 we discuss when and where turbulence is
expected in the gas disk and in Section 4.6 we introduce
FU Orionis type events. Finally, in Section 4.7 we de-
scribe the Earth volatile abundances and in Section 4.8
we discuss the details of evaporation and condensation.
4.1. Gas vertical density profile
In a protoplanetary disk in cylindrical coordinates, so
long as z  R, where z is the height above the midplane
and R is the distance from the central object, the vertical
projection of the gravity of the central object is:
gz = −zΩ2K , (1)
where ΩK ≡ (GM?/R3)1/2 is the Keplerian frequency
around a central object of mass M?. We will use Orb≡
2pi/ΩK , the local orbital period, as our time unit. A ver-
tically isothermal disk at temperature T and with negli-
gible mass compared to the central object therefore has
a vertical gas density profile ρg given by
ρg(z) = ρg(0)e
−z2/2H2 , (2)
where H ≡ cs/√γ ΩK is the gas scale height in hydro-
static equilibrium, γ is the adiabatic index and cs is the
sound speed. Under those conditions, the fraction of the
vertically integrated gas mass contained within the col-
umn extending between z = ±h is
f(h/H) = erf(2−1/2h/H), (3)
see Table 1.
TABLE 1
The different faces of f
f(h/H)
The mass fraction of the gas disk contained in the
column of height z (Eq 3).
f(T )
An analytical fit to measurements of Earth’s
abundance of volatiles with 50% condensation
temperature T , normalized to CI chondrites (Eq 18).
f˜(t)
The ratio of the gas mass within the (partially
settled) column of dust at time t to the gas mass
within the (unsettled) initial dust column. In our
model, this is also the abundance of volatiles which
condense at time t normalized to the initial dust
composition, assumed to be CI chondritic (Eq 23).
fm(α, St)
The volatile abundance floor that results from
turbulent mixing with strength α, given a Stokes
number St, due to the mixing height hm (Eq 27).
4.2. Dust-gas interactions
Dust grains interact with the gas according to a drag
equation
∂v
∂t
= −v − u
τ
− gzzˆ (4)
where v is the dust grain’s velocity and u is the gas
velocity at the dust grain’s position. The stopping time
τ is determined by the drag regime, the mass of the dust
grain, and its effective cross section with respect to the
gas. In this paper we always assume that we are in the
Epstein drag regime, i.e. particle size small compared to
the gas mean free path; we will check this a posteriori in
Section 5.4.2. In that case, we have
τ(z) =
[
ρd,s
ρg(z)
] [
a
cs
]
= τ0e
z2/2H2 , (5)
where ρd,s is the dust solids density (not to be confused
with ρd, the dust fluid density), a is the dust grain effec-
tive radius, cs is the gas sound speed, and τ0 is the dust
stopping time at the midplane. Note that the total gas
surface density
Σ = 2piρ0H ∝ ρ0cs, (6)
so τ0 ∝ Σ−1. The stopping time τ is normalized to or-
bital timescales through the Stokes number St ≡ τΩK .
We will write St0 ≡ ΩKτ0.
Equations (1) and (4) imply that dust grains settle
towards the midplane at a terminal velocity
vs(z,St) = −zΩKSt, (7)
which defines a local settling time
ts(z,St) = |z/vs| = 1/StΩK . (8)
Because τ(z), and hence St and ts, depends on the gas
density which varies with the height above the midplane,
it is convenient to also define the midplane settling time
using the midplane gas density:
ts0(St0) = ts(0,St0) = 1/St0ΩK . (9)
As we will see, in our models ts0 & 30 Orb, so τ0 . 10−3
Orb, and the dust is well coupled to the gas.
4.3. Dust: vertical mixing
Protoplanetary disks are generally thought to be tur-
bulent, and turbulence mixes the dust vertically, coun-
teracting settling. Takeuchi & Lin (2002) calculated the
vertical dust density profile assuming a vertical dust tur-
bulent diffusion coefficient Dd = Dg/Sch, where Sch is
the vertical Schmidt number and Dg is the gas turbulent
diffusivity. Estimates for the vertical Schmidt number
in protoplanetary disks vary, but we will normalize our
Schmidt numbers to Sch = 3 when needed (Johansen et
al. 2006). The α–disk prescription of Shakura & Sun-
yaev (1973) normalizes the gas turbulent diffusivity to
its pressure, so that
Dg = αcsH, (10)
where α parameterizes the strength of the turbulence. A
reasonable range for α in protoplanetary disks is 10−4 −
10−2 (Blackman et al. 2008).
Takeuchi & Lin found
(z) = (0) exp
[
−SchSt0
α
(
exp
z2
2H2
− 1
)]
, (11)
where  is the local dust-to-gas mass ratio. Equation (11)
implies that dust is well mixed with the gas up to a
6mixing height
hm(α/SchSt0) =
(
2 ln
[
1 +
α
SchSt0
])1/2
H. (12)
Note that hm depends both on the strength of the tur-
bulence through α and on the drag characteristics of the
dust through St0. In what follows we will approximate
Equation (11) by (z) = (0) for z ≤ hm and (z) = 0
for z > hm, i.e. assuming that all the dust is below the
mixing height.
TABLE 2
Parameters and variables.
hm Turbulent mixing height (Eq 12)
hm− Initial height of the dust column
hMRI Top of the MRI dead zone (if applicable)
τ Dust stopping time (Eq 5)
f , f , f˜ See Table 1
St τΩK , the Stokes number
ts ≡ −z/vs Dust settling timescale (Eq 8)
H = cs/
√
γΩK Gas scale height
Σg Gas surface density
α0, α1, α2 Initial, over and sub 1000K turbulence αs
ρd,s Dust grain material density
T0, TH , tc Initial temp., FUor heating, FUor cooling time
 local dust-to-gas mass ratio
Subscripts − and + refer to pre and post FUor values.
Subscript 0 refers to midplane values for τ , St, and ts.
4.4. Streaming instability
Due to the radially decreasing density and temper-
ature profiles of protoplanetary disks, the pressure is
also radially decreasing. The resulting outwards-pointing
pressure force causes the gas to orbit at a slightly sub-
Keplerian speed, while the dust, which does not feel the
pressure force, would naturally orbit at the Keplerian
speed. This causes the dust to feel a headwind, whose
effect on the dust dynamics peaks for dust with St ∼ 1.
However, in the Streaming Instability (SI) introduced
by Johansen et al. (2007), clumps of dust can self-shield
from the headwind. This leads to local concentrations
of dust grains far above the volume averaged dust-to-gas
mass ratio, which can rapidly grow large enough to be
gravitationally unstable, resulting in planetesimals.
This instability requires relatively large values of St,
and dust-to-gas mass ratios somewhat elevated above the
canonical value of 0.01 associated with interstellar gas.
Our best fit model predicts a settled layer with a dust-
to-gas mass ratio above 0.14 and a final St ' 0.07, which
is adequate to trigger the SI, although by a small enough
margin that small differences in the initial dust-to-gas
mass ratio, often taken to be 0.005 in the absence of
water ice, could significantly slow the SI’s growth. Us-
ing Youdin & Goodman (2005) and Youdin & Johansen
(2007), we estimate that the SI will grow on a timescale
of 10–30 Orb, faster than the cooling time and compara-
ble to the settling time.
The resulting rapid planetesimal formation is vital be-
cause it locks in the elemental compositions predicted
by our model before further turbulent mixing and dif-
fusion can erase them: the volatiles are still present in
our model, just at a higher altitude. Unlike dust grains,
planetesimals are well beyond the Epstein drag regime,
and gas flow around the planetesimals will entrain any
tiny volatile-rich dust, preventing that volatile rich dust
from rejoining the volatile depleted planetesimals (Lam-
brechts & Johansen 2012). Planetesimal formation is
also important because planetesimals are too large to in-
teract meaningfully with the accretion flow, and do not
experience headwind-induced inspiraling. Without this
planetesimal formation, the evidence for an FUor in the
dust at R = 1AU will be rapidly erased as the dust is
lost to the star.
4.5. Presence of turbulence
There are two main candidate drivers for turbulence in
protoplanetary disks: gravitational instability (GI) and
the magneto-rotational instability (MRI, Balbus & Haw-
ley 1991). The GI has long been suspected to play a role
in FUor events (Armitage et al. 2001), but is only active
in massive disks. If the disk were subject to the GI, that
instability would rapidly end as the accretion flow of the
FUor event dumped the mass needed for the instability
onto the central star. Similarly, at Earth’s position in a
protoplanetary disk the MRI is not generally expected to
be active at the midplane because the disk ionization is
too low: the column density is too high for ionizing radi-
ation to penetrate to the midplane while the background
temperature of T0 ∼ 280K is too low for thermal ioniza-
tion, which requires temperatures above 1000K (Gammie
1996). Instead there are MRI active layers at the surface
where non-thermal ionization allows the gas to couple to
the magnetic fields.
We assume that in the pre-FUor phase, at R = 1AU,
we are in the layered accretion scenario (Gammie 1996),
with higher α values in the active surface layers and lower
α values in the denser midplane. Oishi & Mac Low (2009)
found that even when the MRI dies in the midplane, the
thin MRI-active layers at the surface of the disk generate
significant hydrodynamical motion throughout the disk.
The flows in those simulations were, however, largely os-
cillatory, and are not expected to be particularly strong
vertical mixers. However, as long as the midplane’s α
value leads to a dust scale height hm > hMRI, where hMRI
is the base of the active layer, the vertical α variation
will not change the dust’s vertical distribution, which
then depends only on the active-layer’s α value. Once
the FUor occurs and the disk heats above 1000K, the
full disk height will become MRI-active.
We therefore assume that the value of the viscosity
parameter α is relatively constant before the outburst
and and during the cooling, until the temperature drops
below 1000K. At that point the midplane ceases to be
adequately ionized to support the MRI and its turbulence
rapidly decays. We will write the initial (dating from
the events leading up the FUor) strength of the active
layer turbulence as α0, the strength of the turbulence
at the T = 1000K threshold as α1, and the strength of
the midplane turbulence below the threshold (MRI-dead)
as α2, assuming α0 & α1  α2. While non-thermal
irradiation will recreate a layered-accretion scenario, the
dust will have settled and compactified, and we assume
that then, hm < hMRI for the midplane turbulence. This
assumption is checked in Section 5.3.
4.6. FU Orionis type events
7FUor events (see Hartmann & Kenyon 1996 for a re-
view) are brief, circa century length events occurring in
protostellar systems during which the accretion disk out-
shines the central star by factors of 100–1000. Due to
the rate at which they have been observed to occur, it
is estimated that they occur 5–10 times per protostar
(Hartmann & Kenyon 1996). As such, any model of
the formation of the Solar System must acknowledge the
near-certainty that multiple such events occurred during
the Solar nebula’s lifetime. The events are thought to
be caused by an episode of greatly enhanced mass ac-
cretion through the disk onto the protostar, up to about
10−4Myr−1.
This enhanced mass flow heats the disk before decaying
away on a timescale of many decades. In this paper, we
will assume an FUor event triggering at t = 0. The time
dependence of the temperature response to such an event
can be modeled as
T (t) = T0 + THe
−t/tc . (13)
where TH ∼ 1100K is the maximal heating from the out-
burst and tc ∼ 100yr is the cooling time. The rise times
for FUors are far shorter than other dynamical times for
this problem, on the scale of a year (Hartmann & Kenyon
1996), so we neglect them. We will use T0 ∼ 280K as the
quiescent disk temperature at Earth’s location (Hayashi
et al. 1985). In our model, the peak temperature is con-
strained by the need to marginally deplete Si, but not Mg
(50% condensation temperatures of 1302K and 1327K
respectively).
For simplicity we assume that at Earth’s location the
disk is primarily heated by irradiation from the very in-
ner disk, as this results in a vertically isothermal tem-
perature structure as long as the vertical thermal equili-
bration timescale is fast enough. The heating used is ap-
propriate for an approximate six-magnitude brightening,
well within the range for FUors (Hartmann & Kenyon
1996). This assumption is not unreasonable, as Bae et
al. (2013) find that irradiation can be comparable to lo-
cal accretion heating, and the accretion mechanism of
FUors, and its radial extent, is not well constrained. We
assume that our region of interest lies outside the FUor
engine which allows us to neglect the accretion flow of
the gas: beyond the active FUor accretion region the lo-
cal gas accretion rate is well below the 10−4Myr−1 of
an FUor.
Existing models for FUors often place the accretion
region outside of R = 1AU (Zhu et al. 2010; Bae et
al. 2013). However models for FU Orionis events in-
voke small radial mismatches in accretion rates that lead
to large mass pileups. The theoretical prediction of this
small mismatch depends very strongly of the detailed be-
havior of protoplanetary accretion disks on long (secular)
timescales. Hence, our current limited understanding of
the fundamentals of accretion in these physically compli-
cated systems leads to a significant uncertainty in these
FU Orionis models.
Irradiation can only set the temperature vertically
through a disk if the thermal diffusion time is sufficiently
faster than the FUor time. In the optically thick limit,
the diffusive thermal energy flux is
F = −16σBT
3
3ρκ
∇T, (14)
where σB is the Stefan-Boltzmann constant and κ the
Rosseland mean opacity. Combining Equation (14) with
the relation T = (γ − 1)m¯e/ρkB , where m¯ is the mean
gas particle mass, we can find an effective temperature
diffusion coefficient
µ ≡ 16(γ − 1)m¯σBT
3
3ρ20κkB
. (15)
Note that while Equation (15) can be used to estimate
temperature diffusion timescales, temperature’s time de-
pendence does not actually obey a diffusion equation.
We can combine Equations (6) and (15) to estimate the
temperature equilibration time for a scale height at the
midplane is
t ' H
2
µ
=
3κkBΣ
2
64pi2(γ − 1)m¯σBT 3 . (16)
Using Σ = 1700 gcm−2, m¯ = 2.33amu, T = 1000K and
γ = 1.42, this reduces to
t = 0.68κcgs yr. (17)
Irradiation can therefore control the temperature as long
as κ is at most several cm2 s−1. Opacity is dominated by
tiny dust grains, and recent work has shown both that
only a small fraction of dust is found in such nebular
fines (Birnstiel et al. 2012), and that nebular fines can
be destroyed by the temperatures we consider (Wasson
2008). This can reduce the opacity from older estimates
by over two orders or magnitude (Flock et al. 2013), so
κ = 1cm2 s−1 is a reasonable value for our purposes.
Note that the timescale in Equation (16) scales as Σ2/T 3,
so if Σ ∝ R−1 and T ∝ R−1/2, the thermal vertical
equilibration time will be lower at larger R.
4.7. Earth’s composition
In Figures 3, 4, and 5 we show selected lithophile
volatile abundances of the Earth relative to those of
primitive CI chondrites (Lodders 2003; McDonough
2003), as a function of 50% condensation temperature
at P = 10−4 bar. Lithophile abundances are chosen be-
cause they are chemically trapped within the mantle of
the Earth and their abundances can therefore be directly
determined. CI chondrites are used as the reference be-
cause they are the most primitive Solar System mate-
rial (McDonough 2003), and therefore our best record
for the elemental composition of solids condensed out of
the Solar nebula (Lodders 2003). All abundances are
normalized to the Mg abundances, as those show little
variation across chondrite types (Palme & O’Neill 2003),
which means that we explicitly assume that Mg is pre-
cisely undepleted. We show in Section 5.2 (Fig. 5) that
our model is robust to deviations from this hypothesis.
We approximate these lithophile volatile abundances of
silicate Earth with respect to CI chondrites as
f(T ) = min
[
1, A
(
T
T0
)B]
; (18)
see Table 1, with A ' 1.9 × 10−3, B ' 4.15 and
T0 = 280K. See Figure 3 for a comparison of the fit from
Equation (18) to the observations.
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Fig. 2.— The pressure experienced by the top of the dust column
as a function of disk temperature (our best fit model assuming an
MMSN gas surface density).
4.8. Volatile evaporation and condensation
It should be noted that the 50% condensation temper-
atures are pressure dependent. P = 10−4 bar is a good
estimate for the disk mid-plane pressure for a MMSN at
R = 1AU, at T = 280K. Our model is at higher tem-
perature, but lower density than that, so in Figure 2 we
show the pressure experienced by the top of the dust
column (which settles over time) as a function of disk
temperature for our best fit model. This demonstrates
that P = 10−4 bar is not a bad approximation for our
purposes.
When we extend our model to Mars, we will assume
that a factor of 3 decrease in pressure corresponds to a
decrease of 25K in condensation temperature, adapted
from the results of Ebel 2006, Plate 1. Additionally,
as we will show in Section 5.2, systematic errors in the
condensation temperatures can still be fit in our model by
varying the parameter TH , the increase in temperature
associated with the Fuor.
One assumption we need to make is that the diffusion
time of the evaporated elements through the dust grains
is also short. As noted earlier, values for the diffusion
coefficients of elements through the solid grains vary, but
a range of 10−14 to 10−9cm2s−1 at the 50% condensation
temperature is reasonable (Freer 1981; LaTourrette &
Wasserburg 1998), and diffusion speeds up rapidly above
that temperature. Even at the high end of those values,
rapid diffusion times require that no part of the dust
grain be more than a few mm thick for Si to be able
to diffuse out within a year’s time. While we expect
relatively large dust grains (initial radius a ∼ 6cm), the
grains are also expected to be ∼ 97% porous, so this
assumption is reasonable.
A further complication in estimating the 50% conden-
sation temperatures in our model is that at temperatures
where the material is not liquid, the grain sizes estimated
are not insignificant (∼ cm) so molecular diffusion is un-
likely to apply on the cooling timescales. While the con-
densed elements are unlikely to equilibrate chemically
through the dust grains during this process, condensa-
tion timescales are still short: the collision time between
the evaporated elements and the dust grains can stretch
to days or even months, but not years. This means that
it is very possible that the result of our process is a set
of veneers deposited as the gas cools, although such a
spatial segregation of elements would clearly have been
erased in the rocky planets. Further, this implies that
equilibrium calculations for a solar composition gas do
not strictly apply since much of the material is already
locked up in condensates. Such fractional condensation
demonstrably occured, e.g. CAIs. Even though Lodders
(2003) does not consider the pressure and condensate de-
pendencies, we still use her values because they are the
best estimates currently available for element condensa-
tion temperatures in the Solar nebula.
5. MODEL EQUATIONS AND RESULTS
5.1. Settling of compacted dust
Even though the contracted dust grains are less sensi-
tive to the gas motion, they remain well coupled to the
gas, so there will be little slippage between the dust and
gas during the rapid heating of the gas disk and its corre-
sponding inflation (the gas scale height H increases with
temperature). The corresponding increase in St0 for the
particles lowers their mixing height hm, causing them to
begin to settle even if the turbulent strength does not
change substantially. We rewrite Equation (7) as
z˙ = − z
ts0
exp
(
z2
2H2
)
= vs. (19)
However, Equation (19) is not the entire story: as the
temperature drops, the gas scale height drops and the gas
disk also contracts, while Equation (19) only describes
the relative dust-gas motion due to the settling.
More completely, the equation for the time dependence
of the vertical position of a settling grain is given by
∂
∂t
( z
H
)
=
1
H
∂z
∂t
− z
H2
∂H
∂t
=
vs
H
. (20)
Equation (20) implies, conveniently, that the contraction
of the gas disk can be neglected as long as we scale all
lengths to H and consider only settling. If we do not
consider the contraction of the gas disk, we can discuss
vertical turbulent dust mixing, or use Equation (12), only
as long as the turbulent mixing time is much shorter than
the cooling time tc. This is a reasonable assumption for
our purposes: before the FUor event, the cooling time
is effectively infinite; during the expansion of the gas
due to the FUor heating the dust is well coupled to the
gas because its stopping time τ is much shorter than
the rise time of the temperature (of order a year); and
during the event we only appeal to Equation (12) when
the turbulent diffusion time is comparable to the settling
time, which is shorter than the cooling time.
Note also that Equation (5) is independent of temper-
ature: the product ρg(0)cs is proportional to Σg, the gas
surface density, which, at least outside the FUor engine,
varies slowly in time compared to the FUor or dust set-
tling timescales. This means that increases in the stop-
ping time τ due to the reduction of the sound speed as
the cooling progresses are exactly cancelled by increases
in the midplane gas density due to thermal contraction
of the gas disk.
9We will use the subscript − to refer to the dust state
before the start of the FUor, and the subscript + to refer
to the state once the FUor has begun. We can solve
Equation (20) to find that the time it takes for the top
of the dust column to have fallen from its initial height
hm−/H to z/H < hm−/H is
t(z) =
ts0+
2
[
E1
(
z2
2H2
)
− E1
(
h2m−
2H2
)]
, (21)
where we require z > hm+, the value of hm after the
event (note that hm+ depends on α and that H is the ap-
propriate time-varying lengthscale normalization as de-
scribed above), and
E1(x) = −Ei(−x), (22)
where Ei is the exponential integral.
Combining Equation (3) with Equation (21) we can see
that if the event at t = 0 is associated with evaporating
an element from the dust grains that does not recondense
by time t, and does not meaningfully mix on the dust
settling timescale, then the fraction of the evaporated
mass in regions which still contain dust grains at time t
is well approximated by
f˜(t) =
erf[z(t)/21/2H]
erf[hm−/21/2H]
, (23)
see Table 1. We can invert Equation (23) to find
z(f˜) = 21/2Herf−1
[
erf(hm−/21/2H)f˜
]
, (24)
the height to which the dust grains must settle for re-
condensation of volatiles to match an observed relative
abundance f˜ .
5.2. Simultaneous cooling and settling
We can combine Equations 13, 21, and 24 to find
T
(
t
(
z
(
f˜
)))
= T0 + TH exp
[
− ts0+
2tc
×([
E1
(
z2(f˜)
2H2
)
− E1
(
h2m−
2H2
)])]
.
(25)
This means that a given relative abundance f˜ will be
associated with a condensation temperature T (f˜), and
by fitting Equation (25) to Equation (18) we can deter-
mine the dust, turbulence and FUor outburst parameters
hm−, ts0+/tc, and TH .
In Figure 3 we show both the assumed fit to the ex-
perimental evidence (Equation 18) which we attempt to
match, and our best fit model assuming T0 = 280K and
TH = 1078K using Equation (25). In Figure 4 we show
the effect of varying the fit parameters. The settling-to-
cooling time ratio ts0+/tc controls the slope while the
heating amount TH controls the horizontal offset. The
initial height plays only a weak role in the depletion, al-
though it does play a role in the initial dust porosity and
collisional velocities, see Section 5.4. The sensitivity of
f˜ on the ratio of the settling time to the cooling time
ts0+/tc, combined with the lack of sensitivity of f˜ on
the initial dust column height hm− means that the post
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Fig. 3.— Black/solid: f(T ) from Equation (18). Red/dashed:
Best fit to f(T ) from Equation (25). It has hm−/H = 1.45,
ts0+/tc = 0.35. T0 = 280K and TH = 1078K are imposed.
FUor dust parameters are much better constrained than
the initial dust parameters.
The ability to independently change the slope and the
offset allows this model to match Equation (18) for a
large range of parameters. Indeed, in Figure 5 we show
the ability of the model to match steep and shallow fits
to the data (red and green), as well as matching the data
assuming that the Mg is, in fact, 10% depleted (blue, re-
calling that we equated chondritic and silicate Earth Mg
abundances). However, the model can only fit power-law
depletions and, for example, the model cannot match an
alternate fit to the depletion data which on Figure 3 goes
from Si to Li, then drops vertically to Mn, travels hor-
izontally to Na and thence to Zn. Finally, even though
the model lists many parameters, few of the parameters
are truly unconstrained as summarized in Section 5.5.
Thus even though the model has many parameters, and
is robust even when faced with the large systematic un-
certainties in the measurements of Earth’s volatile deple-
tions, we do not feel that our model is too free.
The best fits imply dust post-densification grains
with radii just under 2cm, which is large enough that
molecular diffusion is unlikely to homogenize the con-
densed volatiles throughout the dust grains on year-
length timescales. However, it takes the disk almost ex-
actly 1yr to cool from T = 1000K to T = 990K. Over one
year, the dust settles by about 4%: f(1000 K) ' 0.285
and f(990K) ' 0.274. While the condensation will create
veneers on the surfaces of the grains, isotopic fractiona-
tion will not occur because isotopes condense at nearly
identical temperatures.
5.3. Maximum turbulence strength
Once the grains are highly settled, turbulent mixing
becomes a factor. In general, vertical Schmidt numbers
are greater than unity (Johansen et al. 2006), so the tur-
bulent diffusion of the dust (represented by hm+) is less
important than the turbulent mixing of the gas. Over a
settling time ts0+, turbulence will mix columns of height
10
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Fig. 4.— Effects of varying the fit parameters. Black/solid:
f(T ) from Equation (18). Red/dashed: Equation (25) using best
fit values except for a 10% reduction in ts0+/tc. Blue/dash-dotted:
Equation (25) using best fit values except for a 10% reduction in
erf(hm−/21/2H). Green/dash-double-dotted: Equation (25) using
best fit values except for a 10% reduction in TH .
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Fig. 5.— Alternate fits to the data, where solid lines are the
different fits to the data and dashed lines the best match model,
respectively. Black: base fit. Red: steep fit to the data. Green:
shallow fit to the data. Blue: Mg is 10% depleted.
l ∼ (αcsHts0+)1/2. Assuming erf(hm−/21/2H) ' 0.85,
we can approximate Equation (23) for z/H  1 as
f˜(z) ' 0.9 z/H. (26)
Inserting the mixing length in the above equation we find
that the abundance factor fm for which turbulent mixing
becomes important is
fm(α,St) = 0.9
√
α2
St0+
= 2.2
√
α2
ts0+
tc
√
tc
Orb
, (27)
where we have assumed that turbulent mixing will only
becomes relevant noticeably after the temperature has
dropped below 1000K and the midplane turbulence
mostly decays away. Inverting the above, we can place
an upper limit on the post-MRI turbulent strength α2
for the model to explain a given abundance factor fm:
α2 <
(
tc
Orb
)−1(
tc
ts0+
)(
fm
2.2
)2
. (28)
For fm = 0.1 and tc = 100Orb, we find α2 < 6 × 10−5,
while for fm = 0.2 and tc = 50Orb, we find α2 < 5 ×
10−4. These fm values place the top of the dust layer
well within the dead-zone.
Taking our best-fit model, T = 1000 is met for f ∼
0.3. Accordingly, the limits on α1 are approximately
ten times those for α2. These are relatively stringent
limits, suggesting that a plateau of f > 0.3 will occur
between T & 1000K and T = 1000K, with the decline in
f restarting for T < 1000K.
5.4. Dust parameters
5.4.1. Porosity
In this model, the post-event grains have negligible
porosity. We can use that fact to constrain the porosity
of the pre-event dust, as long as the turbulence strength
does not vary too dramatically because of the FUor (al-
though it will change after the disk cools too much to
support the MRI). When T = 1000K we predict an
abundance factor of f˜ = 0.29. Using Equation (23) we
find that abundance factor to be associated with a height
z/H ' 0.31. Using Equation (12) we find that
α0
SchSt0−
' 1.9, (29)
α1
SchSt0+
. 0.049. (30)
Combining the above with Equation (5), assuming that
Sch− = Sch+, we find
ρd,s−
ρd,s+
'
(
0.049
1.9
)3/2(
α0
α1
)3/2
' 1
239
×
(
α0
α1
)3/2
. (31)
As noted above, we find that the grains are settled to
z/H = 0.31 when T = 1000K. However, even if the
grains only settle to z/H = 0.5, the density ratio is still
54−1(α0/α1)3/2. This model therefore predicts that the
initial grains have high porosity, which is associated with
growth resulting from collisions between similarly sized
partners (Wada et al. 2008a).
5.4.2. Grain sizes
We can rewrite Equation (5) as
St0 ' 3.7× 10−4
(
ρd,s
3 gcm3
)(
Σg
1700 gcm2
)−1( a
1mm
)
, (32)
where we have assumed γ = 1.42. Combining Equa-
tions (30) and (32) we find that the radius of the post-
heating, non-porous grains is
a+ ∼ 18
( α1
10−3
)
mm, (33)
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where we have assumed that Sch ' 3, ρd,s = 3 gcm−3
and Σ = 1700 gcm−2 (Johansen et al. 2006; Britt &
Consolmagno 2003; Hayashi et al. 1985). Equation (31)
in turn implies that if α0 ' α1, then the fluffy dust had
size a− ' 6a+ ' 10 cm. This value, when applied at
the top of the dust layer, is right on the edge of the
transition between Epstein and Stokes drag, and our use
of the Epstein drag regime is reasonable. Combining
Equation (33) with the best-fit value ts0+/tc = 0.35 we
also find that the result is consistent with(
tc
Orb
)
' 68
( α1
10−3
)−1
, (34)
a reasonable value for an FUor event for R = 1AU with
1Orb = 1yr.
Further, while dust grain collisional velocities are dif-
ficult to determine precisely (Hubbard 2013), the char-
acteristic scale for the velocities can easily be estimated
(Ormel & Cuzzi 2007) as
vc ∼
√
αStcs, (35)
which when combined with Equation (29) becomes
vc ∼ 42
( α0
10−3
)(Sch
3
)−1/2
cms−1 (36)
for dust grains prior to the FUor (at temperatures of
280K). If α0 = 4 × 10−3, then Equation (35) predicts
vc ' 1.6 ms−1, approximately half the destructive colli-
sional velocity predicted for high porosity silicates (Wada
et al. 2008b), a reasonable value for the maximum char-
acteristic dust size to be collisionally determined (dust
collisions occur over a range of velocities).
A further complication exists in that highly porous
dust grains will experience compaction if they collide fast
enough. While the critical velocity for compaction, like
that of fragmentation, is uncertain, it will be less than
the fragmentation speed, albeit not necessarily by that
much (Seizinger et al. 2012). All the relevant velocities
have been predicted to be reasonably similar to 1m/s,
and depend on the chemical composition and shapes of
the constituent grains, which in the actual Solar Nebula
were not perfect silicate spheres. We use the fragmenta-
tion speed from Wada et al. (2008b) because it applies
to highly porous grains.
5.5. Final parameters
In Table 3 we show the best fit parameters values com-
bining the constraints from matching the volatile deple-
tion the maximum turbulent strength and the collisional
velocities. In particular, the volatile depletion pattern
constrains the heating TH , the initial dust height hm−
and the settling dynamics, i.e. ts0+/tc and α2. Com-
bining hm− with collision constraints determines α0.
Our assumption that the strong turbulence turns off at
T ' 1000K, combined with the observed depletion, con-
strains how settled the particles are at that point, and
hence α1, a+ and tc. The initial size of the dust (and
also the pre/post density ratios) are determined by the
difference between α0 and α1.
One should recall that the initial dust column height
hm− is very poorly constrained, and the ratio of the ini-
tial to final grain solid density and the initial grain size
both depend sensitively on hm−. Indeed, an almost arbi-
trarily large initial porosity can be matched by increas-
ing hm−. Also, the degree of densification enters into the
model through ρd,s−/ρd,s+. While we have assumed that
thermal processing at R = 1AU leads to complete com-
paction, the outcome of very long timescale sintering has
not been experimentally established. If we instead as-
sume incomplete compaction, then the initial dust would
have been more porous than our estimate. Additionally,
to match the settling time constraint ts0+/tc, the dust
grains would have had larger initial and final radii a−
and a+.
Our best fit cooling time tc = 68Orb, if calculated at
R = 1AU, is shorter than the estimated value for FU
Orionis of about a century, but is easily close enough
to be plausible for FUors in general: we have not yet
observed an FUor from onset to quiescence. The α0
and α1 values are also well within the standard range
for MRI-active zones (Blackman et al. 2008), and α2 is
easily plausible for a dead-zone, especially given the non-
stirring nature of dead-zone fluid motions seen in Oishi
& Mac Low (2009). Accordingly, our model is in reason-
able agreement with all of the (both observational and
theoretical) volatile depletion, dust collision, FUor and
MRI constraints.
TABLE 3
Best fit parameters.
T0 280K
TH 1078K
hm− 1.45H
ts0+/tc 0.35
tc 68Orb
α0 4× 10−3
α1 10−3
α2 < 9× 10−5
ρd,s−/ρd,s+ 1/30
a− 6cm
a+ 18mm
6. EXTENSION TO MARS, CHONDRITES AND BEYOND
Our model applies as long as the FUor (or other heat-
ing event) is hot enough to rapidly melt or sinter the dust
grains. In what follows we will assume that T ∼ R−1/2,
appropriate for an irradiated disk, and that the surface
density scales as Σ ∼ R−1.
6.1. Mars
Mars is at R ' 1.5AU, which implies that the peak
temperature reached at Mars’ location was T ' 1100K.
Extrapolating the results from Poppe (2003), measurable
sintering for SiO2 grains is expected after a decade: the
neck between 0.7µm grains would grow to about 0.3µm.
Note however that we have extrapolated well below the
temperatures and well above the timescales tested in
that work, and that the result is very sensitive to the
excitation energy. Clearly densification through various
processes is possible, but whether it will be adequate to
significantly change the aerodynamical properties of the
dust will depend on the chemical makeup of the grains.
Certainly, however, an FUor is unlikely to result in com-
pletely solid silicate grains at Mars’ position (or beyond),
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and there is no particular reason to assume that Mars
formed simultaneously with the Earth. However, we can
explore the consequences of our model at Mar’s location
and check whether or not observations of Martian potas-
sium to thorium ratios are consistent with Mars having
formed during an FUor event.
We can apply Equation (35) while assuming that the
dust grain size is set collisionally by a constant peak col-
lisional velocity. If we also set a turbulence strength α
that is independent of radial position, we find that
StMars ' 1.2StEarth, (37)
which when combined with Equation (29) implies a value
of hm− = 1.38, similar to that for dust at Earth’s posi-
tion. Note that StMars and StEarth are normalized to
different Keplerian frequencies, so the stopping time ra-
tio is τMars ' 3τEarth, and the grains at Mars’ position
have double the value of (ρd,sa).
Using K/Th ratios from Taylor et al. (2006), we can
estimate that the normalized potassium abundance for
Mars is 1.7 that of Earth. Assuming that significant
densification does occur, and noting that the pressures
experienced by dust grains at Mars’ orbit are approxi-
mately one third those at Earth’s orbit, which we ap-
proximate by decreasing condensation temperatures by
25K, as discussed in Section 4.7, we can apply our model
to fit Mars’ potassium depletion. Our model matches
f˜Mars(981K) = 1.7f˜Earth(1006K) (38)
for ts0+/tc = 0.23 and an initial/final dust grain density
ratio of ∼ 1/4. See Figure 6 for the predicted depletions.
If we assume that the initial porosity of the grains that
became Mars was the same as those that became Earth,
the contracted state of the pre-Mars grains was about
87% porous. Further, the linear contraction during the
densification phase was (1/4)1/3 ' 0.62, which can be
used to constrain the densification process. This degree
of densification is plausible, so Mars is consistent with
having formed in the same FUor as Earth.
The Martian abundances are, however, poorly con-
strained, and similar to the Earth’s (Peplowski et al.
2011). Our model cannot fit potassium abundances less
than 1.4 times those of the Earth. At that value, and
assuming that the pre-Mars grains have the same ini-
tial porosity as the pre-Earth grains, there needs to have
been complete densification of the pre-Mars grains.
6.2. Chondrites
FUor events and our model have some consequences for
chondrule and chondrite formation. Most simply, FUors
will raise temperatures up to 650K at the top of the
dust layer (and possibly higher at the midplane) out to
about 3.7AU, enough to destroy even the high-T presolar
component (Mendybaev et al. 2002; Huss et al. 2003), a
constraint that models of chondrite formation have to
consider.
At 2.2AU, near the inner edge of the asteroid belt,
the peak temperature reached would be nearer to 850K,
still too low to melt fluffy grains, but potentially high
enough for the short circuit instability to trigger (Hub-
bard et al. 2012; McNally et al. 2013). The short circuit
instability causes very localized heating events in cur-
rent sheets which can reach temperatures appropriate
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Fig. 6.— Predicted volatile depletion for Mars. Condensation
temperatures are decreased by 25K from Lodders (2003) due to
the decrease in ambient pressure.
for chondrule formation, and certainly would result in
rapid Stokes number changes by melting and reforming
the grains.
6.3. Ices and dust destruction
Similar processes could be expected to also occur sig-
nificantly beyond the ice line, as FUors would not only
change the porosity of silicate grains, but also that of
ice grains. Near the ice line, ice grains would be en-
tirely destroyed during an outburst, but far enough out,
beyond 10AU or about Saturn’s orbit, the peak temper-
ature reached during an FUor would be near the temper-
ature associated with water ice melting, and an analogue
to our mechanism would reduce the dust grain porosity.
This would lead to enhanced dust settling and poten-
tially the streaming instability and rapid planetesimal
formation. Even in intermediate regions, near Jupiter’s
orbit, the evaporation of ices, followed by recondensation
onto the silicate dust seeds, would lead to more compact
grains than would result from collisional agglomeration.
Similar evaporation and recondensation processes have
been suggested as routes towards planet formation (Ros
& Johansen 2013), and could, in fact, also lead to planet
formation inside the orbital position where silicate grains
are destroyed during an FUor. That would occur inside
of 0.7AU, nearly exactly Venus’ orbit, suggesting that
the destruction of silicate grains during outbursts could
have been important for the formation of both Venus and
Mercury.
7. CONCLUSIONS
We have presented a model for the depletion of Earth’s
volatiles as measured with respect to Solar abundances.
The model relies on the spatial segregation of volatiles in
the gas phase with dust grains through the vertical set-
tling of the dust after an FU Orionis type outburst heats
the disk adequately to evaporate the volatiles. The heat-
ing causes highly porous grains to contract and settle,
abandoning much of the volatiles in the upper reaches
of the disk, but only after isotopic reequilibration with
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those volatiles. Finally, the Streaming Instability gathers
the settled grains, triggering gravitational instability and
leading to direct collapse to planetesimals. Our model
explains not only the Earth’s volatile depletion, but also
the trickier lack of an isotopic signature in the potassium
depletions because it provides long enough timescales for
the different isotopes to equilibrate independently.
This model predicts that collisional agglomeration nat-
urally creates high porosity fluffy dust grains, and that
the planetesimals that became Earth formed early and in
situ. The model predicts volatile depletions for all plan-
ets formed within the critical annulus inside of which the
background disk was cool enough to allow the formation
of fluffy dust grains, but FU Orionis type events were hot
enough to melt or sinter the dust grains, causing them
to become compact and to settle. In the case of the
proto-Solar nebula, this extends from about Venus’ orbit
to just about Mars’, although the implications for Mars
are weaker because the heating is unlikely to completely
contract the dust grains.
Our models ties together a large number of processes
which still have large systematic uncertainties. We have
observed only a handful of FUors, none to completion,
and the growth of dust grains of unknown geometry and
surface chemistry has been modeled with only gross sim-
plifications. Indeed, it is only recently that the question
of icy surfaces has been treated in some detail alongside
SiO2 grains. Accordingly, we have described the simplest
version of our model to explain it qualitatively, and to
show that it holds quantitative promise. Some extensions
are unlikely to pose significant problems: planets must
aggregate materials from a significant annulus, rather
than merely a single position. This will add together
multiple depletion patterns, but if a model predicts a de-
pletion pattern that matches the Earth’s at one radial
position, feeding from an annulus of modest width near
that position should not change the final result dramat-
ically.
Like all studies of planet formation, our model would
be significantly improved by a better understanding of
the outcome of dust-dust collisions. Along with studies
of chondrites, we would additionally benefit from system-
atic study of the diffusion of volatile elements through sil-
icates under hot nebular conditions. Finally, our model
makes the study of long (month or year) timescale sin-
tering of Solar Nebula minerals important. The experi-
ences of Poppe (2003) shows that such studies need to
be performed in zero-G because gravity acts to compress
materials.
We have also assumed that R = 1AU lies outside of the
FUor engine, which allows us to neglect the mass flow
onto the star that powers the FUor, keeping our mate-
rial from moving radially on the timescales we consider.
The extent of FUor engines is not known (observations
have not yet resolved them), but they may well extend
beyond R = 1AU (Zhu et al. 2010). While our model
can adjust for this by moving radially outwards, this will
inevitably result in lower temperatures unless the FUor
is brighter. However, the luminosity jump we associate
with the FUor is on the strong end of observations, so
a large outwards change in radial positioning is proba-
bly not possible. Finally, planet migration raises strong
questions about the link between the initial and final po-
sition of a planet which are beyond the scope of this work.
Interestingly though, the Earth’s depletion pattern sug-
gests that it must have been made reasonably near 1AU.
Too much farther out, and even an FUor wouldn’t be able
to raise the temperature enough to evaporate volatiles,
while too close in, and even quiescent disks will be too
hot.
The implication that collisionally grown dust in proto-
planetary disks has high porosity means that thermal re-
duction of dust grain porosity will be a significant player
in planet formation. By growing dust grains in a fractal,
high porosity manner, even high mass dust grains remain
tightly coupled to the gas, experiencing relatively low col-
lisional velocities: low porosity dust grains of the same
mass would experience destructive collisions. Subsequent
heating and grain contraction then led to highly settled
dust grains that are subject to the streaming instability,
leading to direct gravitational collapse of the dust disk
to form planetesimals. While we appeal to FU Orionis
type events in this model, other sources of heating could
play a role.
It is difficult to make specific predictions for our model
in the Solar System because it is likely that many ob-
jects formed during quiescent phases. The large num-
ber of meteorite classes suggests that some probably did
form close in time to an accretion event, so preserving
pre-solar grains during FUors is a problem, albeit one
which applies independently of our model. Further, while
we believe FUor events likely promote volatile-depleted
rocky planet formation in extra-solar, often heavily em-
bedded, systems, observationally testing that hypothesis
is not currently possible in part because of the rarity
of FUors. Nonetheless, our model states that an initial
supply of highly porous dust grains will be compactified.
This should have observational implications, particularly
when applied to icy grains on large enough orbits that
their their effect on disk spectra occur in annuli which
can be resolved. This will require an adequate survey of
protostellar systems that future FUors can be compared
with their previous, quiescent state.
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